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ABSTRACT
Context. Grid-based hydrodynamics simulations of circumstellar disks are often performed in the curvilinear coordinate
system, in which the center of the computational domain coincides with the motionless star. However, the center of
mass may be shifted from the star due to the presence of any non-axisymmetric mass distribution. As a result, the
system exerts a non-zero gravity force on the star, causing the star to move in response, which can in turn affect the
evolution of the circumstellar disk.
Aims. We aim at studying the effects of stellar motion on the evolution of protostellar and protoplanetary disks. In
protostellar disks, a non-axisymmetric distribution of matter in the form of spiral arms and/or massive clumps can
form due to gravitational instability. Protoplanetary disks can also feature non-axisymmetric structures caused by an
embedded high-mass planet or a large-scale vortex formed at viscosity transitions.
Methods. We use 2D grid-based numerical hydrodynamic simulations to explore the effect of stellar motion. We adopt a
non-inertial polar coordinate system centered on the star, in which the stellar motion is taken into account by calculating
the indirect potential caused by the non-axisymmetric disk, a high-mass planet, or a large-scale vortex. We compare
the results of numerical simulations with and without stellar motion.
Results. We found that the stellar motion has a moderate effect on the evolution history and the mass accretion rate
in protostellar disks, reducing somewhat the disk size and mass, while having a profound effect on the collapsing
envelope, changing its inner shape from an initially axisymmetric to a non-axisymmetric configuration. Protoplanetary
disk simulations show that the stellar motion slightly reduces the width of the gap opened by a high-mass planet,
decreases the planet migration rate, and strengthens the large-scale vortices formed at the viscosity transition.
Conclusions. We conclude that the inclusion of the indirect potential is recommended in grid-based hydrodynamics
simulations of circumstellar disks which use the curvilinear coordinate system.
Key words. accretion, accretion disks - stars: formation stars: protostars - planet-disk interactions - protoplanetary
disks methods: numerical
1. Introduction
The formation mechanisms of stars and planets are intrin-
sically connected. The stars form owing to the gravitational
collapse of molecular clouds and circumstellar disks develop
around the forming stars thanks to the conservation of an-
gular momentum. The circumstellar disk, also known as
the protostellar disk, is embedded in the parental nebula
in the early phase, in which the mass accretion from the
parental nebula onto the disk exceeds the mass loss from
the disk to the star. If the protostellar disk grows suffi-
ciently large (about >∼ 0.07M) it becomes gravitationally
unstable, often resulting in the formation of gravitationally
bound clumps. As the parental nebula is consumed, the
nebular accretion ceases and the protostellar disk evolves
into the protoplanetary disk, which is thought to be the
birth place for planets.
The evolution of gaseous protostellar and protoplane-
tary disks and their interactions with the newly born plan-
ets can be studied by means of hydrodynamical models. In
hydrodynamical simulations, one solves the fluid dynam-
ics equations describing the time evolution of mass density,
momentum, and energy. Since the advection term in the
momentum equation makes the system of equations non-
linear, the analytical investigations are applicable only for
highly idealized flows. Therefore, numerical methods have
been developed since the mid-1960s to solve the system of
hydrodynamical equations numerically.
Nowadays, there are two widely used different ap-
proaches to solving those differential equations numeri-
cally: smoothed-particle hydrodynamics (SPH) and grid-
based hydrodynamics. In the SPH method (see a review
of Springel, 2010) the fluid is handled as a set of discrete
elements, referred to as particles, while in the grid-based
approach (see a review of Teyssier, 2015) the flow is han-
dled with discrete values of fluid properties on a numerical
grid.
In astrophysical models that are designed to study the
formation of stars and planets, gravitational interaction
naturally enters the system of hydrodynamical equations. If
any non-axisymmetric mass distributions are present (such
as massive clumps and spirals in gravitationally unstable
protostellar disks or massive planets and large-scale vor-
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tices in protoplanetary disks), the center of mass of the
star plus disk system (or its barycenter) does not coincide
with the position of the star. This leads to the motion of
the star in response to the net gravitational force of the
disk and planets.
In the SPH method, the star is usually described as
an additional point-sized particle and its motion in the
Lagrangian approach does not require special attention.
Conversely, the grid-based methods often use cylindrical or
spherical coordinate systems, which are naturally centered
on the star. If the barycenter of the star plus disk system
is offset from the center of the numerical grid, the star will
move in response to the net non-zero gravity force exerted
on it from the rest of the system. However, the use of curvi-
linear coordinate systems with a singularity point in the
coordinate center makes it extremely difficult to calculate
directly the stellar motion and its gravitational response on
the disk and planet system. To circumvent this problem, a
non-inertial frame of reference is often introduced, which
moves with the star (positioned in the coordinate center)
in response to the net gravitational force of the disk and
planets. The resulting acceleration of the star is often de-
scribed by the so-called indirect potential (see details in the
next Section).
Grid-based numerical models dealing with the gravita-
tional instability and fragmentation of protostellar disks
usually neglect the stellar motion (see, e.g., Pickett et al.,
2003; Mej´ı a et al., 2005; Boley et al., 2006, 2007; Boley
& Durisen, 2008; Cai et al., 2008; Tsukamoto & Machida,
2011; Boss, 2012; Steiman-Cameron et al., 2013; Vorobyov,
2013; Lin, 2015). Michael & Durisen (2010) made for the
first time a focused numerical investigation of the effect
of stellar motion induced by non-axisymmetry developed
in a gravitationally unstable circumstellar disk. They con-
cluded that previous findings regarding disk evolution re-
main valid, while the disk gravitational instability weakens
slightly if the stellar motion is taken into account. Their
study is, however, limited to isolated disks and neglects
the effect of the infalling envelope. Therefore, their results
are more applicable to protoplanetary rather than to proto-
stellar disks, although their adopted disk-to-star mass ratio
(<∼ 0.1) is typical for the latter. To develop further this re-
search, we re-investigate the effect of stellar motion on the
formation and evolution of protostellar disk.
The majority of grid-based numerical investigations
dealing with the gravitational interactions in protoplane-
tary disks take into account stellar motion by means of the
indirect potential. However, there are several works which
neglect stellar motion (some examples include, but are not
limited to Lubowetal, 1999; Tanaka et al., 2002; Ou et al.,
2007; Lyra et al, 2009a,b; Zhu et al., 2011; Fung et al., 2014;
Szulagyi et al., 2014; Zhu et al., 2014; Zhu & Stone, 2014).
Therefore, it is also important to explore the effect of stellar
motion caused by mass asymmetry in protoplanetary disks.
Mittal & Chiang (2015) found that if an artificial dis-
placement of the barycenter of the protoplanetary disk-star
system is strong enough, a large-scale vortex can form via
the Rossby Wave Instability (RWI, Lovelace et al., 1999).
Recently, Zhu & Baruteau (2016) have shown that such a
displacement can be sustained by the vortex itself, forcing
the star to wobble. They also found that neglecting the stel-
lar motion significantly weakens the vortex. We note that
Zhu & Baruteau (2016) prescribed an initially RW-unstable
disk by artificially setting an axisymmetric sharp Gaussian
density bump in the disk. We, on the other hand, intend to
investigate the effect of stellar motion on the formation of a
RW-unstable disk and the evolution of large-scale vortices
in a more self-consistent manner.
The outline of the paper is the following. In Section 2,
the methodologies used for calculating the indirect poten-
tial in the grid-based hydrodynamic codes are presented.
Section 3 presents the effect of stellar motions on the evo-
lution of a protostellar disk. Section 4 presents the effect
of stellar motion on the evolution of a protoplanetary disk
hosting a massive embedded planet and a large-scale vortex
formed at the viscosity transition. The paper ends with our
conclusions on the importance of stellar motion in Section
5.
2. Simulation methodology
To investigate the effect of stellar motion on distinct evolu-
tionary stages of accrection disks formed around young stel-
lar objects, we employ two independent numerical hydrody-
namics codes. The reason for using two codes (FEoSaD and
GFARGO) is that they are specifically designed to study
the protostellar (early) and protoplanetary (late) stages of
disk evolution, respectively. On one hand, the FEoSaD code
(Formation and evolution of a star and its circumstellar
disk) is best suited for describing the early evolution of
young stellar objects, including important interconnections
and feedback mechanisms between the central star, its disk
and infalling envelope, such as the mass infall onto the disk,
disk self-gravity, stellar irradiation, and disk radiative cool-
ing. On the other hand, the GFARGO code, the Graphical
Processor Unit (GPU) accelereated version of the FARGO
code, is specifically designed for simulating the planet-disk
interactions, utilizing the Fast advection in rotating gaseous
objects (FARGO) algorithm (Masset, 2000). If the radial
velocities are small compared to the Keplerian velocity
(which is true for protoplanetary disks), the FARGO al-
gorithm is about an order of magnitude faster than tra-
ditional advection schemes. Nevertheless, both codes bear
some similarity as they both employ the thin-disk approx-
imation and a similar finite-difference solution procedure
on a cylindrical numerical grid. In the following, detailed
descriptions of the applied protostellar and protoplanetary
disk models are given.
2.1. Protostellar disk model
The numerical model for the formation and evolution of a
star and its circumstellar disk (FEoSaD) is described in de-
tail in Vorobyov & Basu (2010, 2015) and is briefly reviewed
here for the reader’s convenience. Numerical simulations
start from a collapsing pre-stellar core of a certain mass,
angular momentum, and temperature. The forming star is
described by the Lyon stellar evolution code (Chabrier &
Baraffe, 1997; Baraffe et al., 2012), while the formation and
long-term evolution of the circumstellar disk are described
using numerical hydrodynamics simulations in the thin-disk
limit. The evolution of the star and the disk are intercon-
nected: the stellar evolution code takes the mass accretion
rate onto the star provided by hydrodynamic simulations
and returns the stellar photospheric and accretion luminosi-
ties, which are used to calculate the disk heating rate by
stellar irradiation.
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The main physical processes taken into account when
modeling the disk formation and evolution include viscous
and shock heating, irradiation by the forming star, back-
ground irradiation (Tbg = 10 K), radiative cooling from the
disk surface, and self-gravity. The code is written in the
thin-disk limit, complemented by a calculation of the verti-
cal scale height Z using an assumption of local hydrostatic
equilibrium. The resulting model has a flared structure,
which guaranties that both the disk and envelope receive
a fraction of the irradiation energy from the central pro-
tostar. The pertinent equations of mass, momentum, and
energy transport are
∂Σ
∂t
= −∇p · (Σvp) , (1)
∂
∂t
(Σvp) + [∇ · (Σvp ⊗ vp)]p = −∇pP + (∇ ·Π)p + (2)
+ Σ (gp − g∗),
∂e
∂t
+∇p · (evp) = −P(∇p ·vp)−Λ + Γ + (∇v)pp′ : Πpp′ , (3)
where subscripts p and p′ refer to the planar components
(r, φ) in polar coordinates, Σ is the mass surface density, e
is the internal energy per surface area, P is the vertically
integrated gas pressure calculated via the ideal equation of
state as P = (γ − 1)e with γ = 7/5, vp = vrrˆ + vφφˆ is the
velocity in the disk plane, and ∇p = rˆ∂/∂r + φˆr−1∂/∂φ is
the gradient along the planar coordinates of the disk. The
gravitational acceleration in the disk plane, gp = grrˆ+gφφˆ,
takes into account self-gravity of the disk, which can be
calculated by solving the Poisson integral (see details in
Vorobyov & Basu, 2010), and the gravity of the central
protostar when formed. Turbulent viscosity is taken into
account via the viscous stress tensor Π, which is provided
in Vorobyov & Basu (2010). We parameterize the magni-
tude of kinematic viscosity ν using the alpha prescription of
Shakura & Sunyaev (1973) with a spatially and temporally
uniform αvisc = 5× 10−3. The cooling and heating rates, Λ
and Γ, take the blackbody cooling and heating of the disk
due to stellar and background irradiation into account (see
details in Vorobyov & Basu, 2010).
To explore the effects of stellar motion, Equation (2)
is formulated in the non-inertial frame of reference moving
with the star in response to the gravity force of both the
disk and envelope. The acceleration of the star’s frame of
reference g∗ can be expressed as
g∗ = G
∫
dm(r′)
r′3
r′, (4)
where dm is the mass in a grid cell with position vector
r′. In practice, we find g∗ by first calculating its Cartesian
components g∗,x and g∗,y as
g∗,x =
∑
j,k
Fj,k cos(φk), (5)
g∗,y =
∑
j,k
Fj,k sin(φk), (6)
where φk is the azimuthal angle of the grid cell (j, k). The
summation is performed over all grid zones and the force
(per unit stellar mass) acting from the grid cell (j, k) onto
the star can be expressed in the following form
Fj,k = G
mj,k
r2j
, (7)
where mj,k is the mass in the grid cell (j, k) and rj is the
radial distance to the grid cell (j, k).
Once the Cartesian components g∗,x and g∗,y of the
stellar acceleration are known in every grid cell, the cor-
responding polar-grid components can be found using the
standard coordinate transformation formula
g∗,r = g∗,x cos(φ) + g∗,y sin(φ), (8)
g∗,φ = −g∗,x sin(φ) + g∗,y cos(φ), (9)
where φ is the azimuthal coordinate of a given grid cell.
When the gravitational potential Φ is used in
Equation (2), rather than the gravitational acceleration g,
it is convenient to introduce the so-called indirect potential
as Φind = r ·g∗. The gradient of Φind equals g∗ because the
latter depends on r′ rather than on r (see Equation 4). The
last term in the right hand side of Equation (2) can then be
substituted with the following term: −Σ∇(Φ + Φind), and
the indirect potential in a grid cell (j, k) can be calculated
as:
Φj,kind = rj cos(φk)g∗,x + rj sin(φk)g∗,y, (10)
where summation is performed over all grid zones. In this
paper, we use −∇(Φ + Φind) instead of the acceleration
g − g∗ in Equation (2).
Equations (1)-(3) are solved using the method of finite
differences with a time-explicit, operator-split solution pro-
cedure in polar coordinates (r, φ) on a numerical grid with
512 × 512 grid zones. The radial grid is logarithmically
spaced, while the azimuthal grid is equispaced. Advection
is treated using the third-order piecewise parabolic interpo-
lation scheme (Colella & Woodward, 1984). The update of
the internal energy per surface area due to cooling and heat-
ing is done implicitly using the Newton-Raphson method of
root finding, complemented by the bisection method where
the Newton-Raphson iterations fail to converge.
To avoid too small time steps, we introduce a “sink cell”
at rsc = 6.0 au and impose a free outflow inner boundary
condition so that the matter is allowed to flow from the
inner active computational region into the sink cell, but
is prevented from flowing in the opposite direction. At the
outer computational boundary a free inflow-outflow bound-
ary condition is imposed, so that the matter is allowed to
flow in and out of the active computational domain. This is
done to prevent the artificial accumulation of matter near
the outer computational boundary in the non-inertial frame
of reference (but see discussion in Section 3.1). More de-
tails on the code and the solution procedure can be found
in Vorobyov & Basu (2010, 2015). The parameters of the
initial model for studying the evolution of protostellar disks
(model 1) are given in Section 3.1.
2.2. Protoplanetary disk model
The effect of stellar motion in a protoplanetary disk can
be important if the latter has a large-scale asymmetry.
The sources of these asymmetries can be eccentric gaps
opened by a giant planet (Kley & Dirksen, 2006; Rega´ly
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et al., 2010), global disk eccentricities excited due to the
gravitational perturbation of a massive perturber (Lubow,
1991; Kley et al., 2008) or a giant planet (Rega´ly et al.,
2014), and large-scale vortices excited by the Rossby Wave
Instability triggered by the gap-opening planet (de Val-
Borro et al., 2007) or by the viscosity transition (Li et al.,
2005). Migration of planets can also be affected by stellar
motion as it is governed by the angular momentum ex-
change between the planet and the disk.
We investigate the gap and disk eccentricity formation
caused by an embedded non-migrating giant planet on a
circular orbit (models 2 and 3), the type II migration of
high-mass planets (models 4 and 5), and the formation of a
large-scale vortex in the vicinity of a sharp viscosity transi-
tion (model 6), where the outer edge of the so-called dead
zone is assumed to be located. To this end, we employ the
two-dimensional locally isothermal hydrodynamical simu-
lations with and without taking the effect of the indirect
potential term into account.
For the hydrodynamical modeling we use the GPU
based version of the FARGO code (Masset, 2000), which
solves the vertically integrated continuity and Navier-
Stokes equations (Eqs. (1) and (2)) on the cylindrical co-
ordinate system using a locally isothermal approximation.
In our simulations, the star is located at the center of the
numerical domain. The indirect potential has two sources:
1) the indirect potential of the star due to the shift of the
barycenter by the disk material
Φj,kind,disk =
∑
j′,k′
(
mj′,k′
r3j′,k′
[xj′,k′xj,k + yj′,k′yj,k]
)
(11)
similar to what is described in Sect. 2.2.; and 2) the indirect
potential caused by the shift of the barycenter due to a
massive planet
Φj,kind,pl = Mp
(
1
R3j,k
[xj,kxp + yj,kyp]
)
. (12)
In Equations (11) and (12)
rj,k =
√
x2j,k + y
2
j,k, (13)
Rj,k =
√
x2p + y
2
p (14)
mj,k and xj,k, yj,k, are the mass and Cartesian coordinates
of the grid cell j, k, while Mp and xp, yp are the mass and
Cartesian coordinates of the planet, respectively. In simu-
lations which do not take the effect of the indirect potential
into account, we simply neglect the calculation of Φj,kind,disk
and Φj,kind,pl.
In the local isothermal approximation, the radial tem-
perature profile is T (R) ∼ R−1, and the equation of state of
the gas, P(R,φ) = cs(R)2Σ(R,φ), depends only on the den-
sity and the local sound speed cs(R) = Ω(R)H(R), where
H(R) is the local pressure scale height. We note that both
cs(R) and H(R) remain constant in time due to the locally
isothermal assumption. The disk is assumed to be flat, for
which case H(R) = hR, where h is the disk aspect ratio,
which is set to h = 0.05 for all models. The disk’s vis-
cosity is approximated by the α-prescription of Shakura &
Sunyaev (1973) with 5× 10−5 ≤ αvisc ≤ 5× 10−3.
We adopt 1 au for the unit of length and 1.0 M for the
unit of mass. The unit of time is such that the orbital period
of a planet at 1 au is 2pi. With this scaling the gravitational
constant equal unity. For models 2-5 we use a frame that
co-rotates with the planet.
We use logarithmically distributed NR = 256 radial and
Nφ = 512 equidistant azimuthal grid cells for all proto-
planetary disk models. To model the eccentricity excita-
tion of the inner disk, the relatively close inner boundary
is required, thus our computational domain extends from
Rin = 0.3 au to Rout = 30 au in models 2 − 5 (see, e.g.,
Rega´ly et al., 2014). For model 6, we use a slightly larger
disk inner and outer domain boundary, that is, Rin = 3 au
and Rout = 50 au. The larger inner boundary is required in
order to model the long-term evolution of large-scale vor-
tices. The larger outer disk boundary is necessary to avoid
artificial boundary effects due to the vicinity of the disk’s
outer edge to the large-scale vortex.
To take the disk thickness into account, we use H(Rp)
as the smoothing of the gravitational potential of the planet
with  = 0.6 in protoplanetary disk simulations following
the receipt in Kley et al. (2012) and Mu¨ller et al. (2012).
In the planet-bearing disk models, a circumplanetary disk
forms around the giant planet, which affects its migra-
tion history (models 4 and 5). To circumvent this effect
we remove a certain amount of the torque exerted on the
planet by the disk according to Crida el al. (2009) in mod-
els 4 and 5. Thus, the force exerted on the planet by the
material inside the planetary Hill sphere is multiplied by
1 − exp(−(d/RH)2), where RH = ap(q/3)1/3 is the plan-
etary Hill radius and d is the distance between the given
grid cell center and the planet.
To speed-up the simulations, the damping boundary
condition (de Val-Borro et al., 2006) is applied at the inner
boundary. The damping criteria at the inner domain edge is
set such that the waves are killed close to the inner bound-
ary R < 1.2Rin. With this setting, the time step (which is
calculated according to the Courant-Friedrich-Levi criteria
described in Masset, 2000) remains considerably large be-
cause sharp density enhancements (i.e., shock waves) can-
not appear at the boundary. The outflow boundary is used
at the disk’s outer edge in all protoplanetary disk models.
3. Early disk evolution (protostellar disk)
In this section, we investigate the effect of stellar motion on
the early evolution of protostellar disks, when they are still
actively accreting material from the parental cores. For this
purpose, we use the FEoSaD code described in Section 2.1.
We start our numerical simulations from the gravitational
collapse of a starless cloud core, continue into the embed-
ded phase of star formation, during which a star, disk, and
envelope are formed, and terminate our simulations when
the age of the star exceeds 0.4 Myr.
3.1. Initial conditions
For the initial conditions, we consider a gravitationally un-
stable pre-stellar core submerged into a low-density envi-
ronment, both described by the following radial gas surface
density distribution
Σ =
{
r0Σ0√
r2+r20
for r ≤ Rcore,
Σext otherwise,
(15)
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where Σ0 is the gas surface density at the center of the core
and r0 =
√
Ac2s/piGΣ0 the radius of the central plateau,
cs the initial sound speed in the core, Rcore the radius of
the core, and Σext the gas surface density in the external
environment. The gas surface density distribution of the
core can be obtained (to within a factor of unity) by in-
tegrating the 3D gas density distribution characteristic of
Bonnor-Ebert spheres with a positive density-perturbation
amplitude A (Dapp & Basu, 2009). The value of A is set
to 1.2. The core has a fixed ratio Rcore/r0 = 6.0, implying
that it is initially unstable to gravitational collapse. The
initial temperature is set everywhere throughout the core
to 10 K. For the chosen core radius of Rcore = 0.09 pc
and central surface density of Σ0 = 2 × 10−2 g cm−2, the
resulting initial core mass is Mcore = 1.18 M. The total
computational domain extends to 0.18 pc and, for the value
of Σext = 6.4 × 10−5 g cm−2, the total mass contained in
the external environment is Mext = 0.02 M, which is only
about 1% that of the core mass.
The initial angular velocity is described by the following
equation
Ω = 2Ω0
(r0
r
)2 √1 + ( r
r0
)2
− 1
 , (16)
as expected for slowly contracting pre-stellar cores with
conservation of angular momentum (Basu, 1997). Here,
Ω0 = 0.49 km s
−1 pc−1 is the angular velocity in the center
of the core. For the chosen parameters of our model, the ra-
tio of rotational to gravitational energy is β = 5.5 × 10−3.
We hereafter refer to this model as model 1.
The reason for adding an external constant-density en-
vironment to the pre-stellar core (rather than just consid-
ering an isolated core) is that the shape of the core near its
outer edge can be artificially distorted in the non-inertial,
accelerated frame of reference. We employed the logarith-
mically spaced grid in the radial direction, which resulted in
a good numerical resolution in the inner regions where the
protostellar disk forms and evolves, but in a poor numeri-
cal resolution near the outer boundary. The imperfections
in the implementation of the outer computational bound-
ary lead to artificial accumulation or depression in the gas
density near the boundary when the material in the com-
putational domain is accelerated due to the indirect poten-
tial. This artificial distortion of the core shape often has an
undesirable feedback effect on the disk dynamics. We ex-
perimented with different outer boundary conditions (free
boundary, extrapolated density and velocity profiles), but
the result was not satisfactory.
The development of special numerical schemes that al-
low for the moving boundaries (so that the flow of material
through the outer boundary caused by the acceleration of
the coordinate system is minimized) could potentially help
to alleviate the problem. Our temporary solution to this
problem was to extend the outer boundary sufficiently far
from the disk and fill in the rest of the numerical grid with
a low-density gas so that its gravitational potential would
have little effect on the dynamics of the system, even if this
external environment becomes distorted due to the bound-
ary effects. As we show later in the paper, this helps to
mitigate the problem for the initial several hundred thou-
sand years of protostellar disk evolution. However, because
of the pressure disbalance between the core and the exter-
nal environment, the outer regions of the core gradually
Fig. 1. Gas surface density distribution in model 1 in the
inner 1400×1400 au box focusing on the disk. Six evolution
times counted from the formation of the star are shown. The
scale bar is in g cm−2 (log units).
expand (while the inner part continues collapsing onto the
star) and ultimately reach the outer computational bound-
ary. At this time instance, we have to stop the simulations.
3.2. The effect of stellar motion on the protostellar disk and
envelope
In this section, we focus on possible differences in the prop-
erties of the disk and infalling envelope that may arise when
stellar motion is taken into account. We differentiate be-
tween models with and without stellar motion by adding
the plus sign to the corresponding model number, that is,
model 1+ means that the stellar motion is taken into ac-
count, while model 1 means the opposite. The chosen initial
parameters of the pre-stellar core (Mcore = 1.18 M and
β = 5.5 × 10−3) imply that the core collapse will lead to
the formation of a gravitationally unstable disk (Vorobyov,
2013).
Figure 1 presents the gas surface density in model 1 in
the inner 1400 × 1400 au2 box at several time instances
after the formation of the central star. We note that the
total computational domain is much greater, but for now
we focus only on the innermost regions occupied by the
disk. Gravitational instability develops in the disk soon af-
ter its formation due to the continuing mass loading from
the parental core. The spiral structure has a complicated
pattern and dense gaseous clumps form within the spiral
arms. The vigorous gravitational instability and fragmenta-
tion continues for at least 0.3 Myr until the gas reservoir in
the parental core exhausts and the infalling envelope (that
continuously replenishes the disk material lost via accretion
onto the star) dissipates.
Figure 2 shows the gas surface density in model 1+ at
the same time instances as in model 1. The stellar motion is
introduced 2× 104 yr after the instance of disk formation1,
or 2.8 × 104 yr after the formation of the central star; the
1 Before the disk formation, the collapse proceeds axisymmet-
rically because of the chosen initial axisymmetric shape of the
pre-stellar core, so that there is no necessity to introduce the
stellar motion.
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Fig. 2. Similar to Figure 1, but for model 1+ for which case
stellar motion is included.
corresponding gas surface density distribution is shown in
the upper-left panel in Figure 2. This delay is introduced
to let the disk grow and acquire some material. Otherwise,
we found that the disk becomes significantly distorted in
the initial formation stage, leading to the termination of
numerical simulations. This problem is likely to be related
to the imperfections of the inner computational boundary
(near to which the disk naturally forms) and requires fur-
ther investigation.
A visual inspection of Figures 1 and 2 indicates that
the stellar motion has a notable effect on the disk radius
and the strength of gravitational instability: the disk ra-
dius is smaller and the disk fragmentation is less frequent
in model 1+ than in model 1. To quantify these differences,
we calculated the number of fragments in the disk every
2000 yr using the fragment tracking mechanism explained
in detail in Vorobyov (2013). This algorithm requires that
the fragment be pressure-supported, having a negative pres-
sure gradient with respect to the center of the fragment, and
that the fragment be kept together by gravity, having the
deepest potential well at the center of the fragment. The
results are shown in Figure 3 in the top panel (model 1)
and bottom panel (model 1+). While model 1 forms frag-
ments almost continuously starting from t = 0.03 Myr until
t = 0.27 Myr, model 1+ exhibits only sporadic fragmen-
tation episodes. The maximum number of the fragments
in the disk at any given time is also greater in model 1
(Nfr,max = 7) than in model 1+ (Nfr,max = 4).
To understand the reason for this difference, we plot the
total disk masses, stellar masses, and disk radii as a function
of time in Figure 4. In particular, the red and black lines
show the data for models with and without stellar motion,
respectively. The black dash-dotted lines correspond to the
envelope mass, which is similar in both models. Evidently,
model 1+ has a somewhat smaller and less massive disk
than model 1. We think this is caused by the fact that,
in the model with stellar motions, part of the total angu-
lar momentum of the collapsing core goes into the orbital
motion of the star around the center of mass of the whole
system. On the other hand, in the model without stellar mo-
tion, all angular momentum of the collapsing core is trans-
ferred to the disk. As a result, the disk in model 1 has more
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Fig. 3. Number of fragments in the disk at a given time
elapsed since the formation of the star. The top and bottom
panels correspond to models 1 and 1+ (without and with
stellar motion, respectively).
angular momentum and a greater support against gravity
than in model 1+, helping the former to sustain a more
massive and extended disk. This conjecture is supported by
direct calculation of the specific angular momentum of the
disk: it is equal to Jdisk = 2.4× 1025 cm2 s−1 in model 1+
and Jdisk = 3.3× 1025 cm2 s−1 in model 1.
The spiral structure in Figures 1 and 2 is complicated
and does not show any regular, long-lasting pattern. This is
typical for unstable protostellar disks subject to fragmenta-
tion caused by the continuous mass-loading from parental
cores (e.g., Vorobyov & Basu, 2010; Tsukamoto et al.,
2013). Nevertheless, it is possible to analyze the spiral pat-
tern by calculating the global Fourier amplitudes defined
as
Cm(t) =
1
Mdisk
∣∣∣∣∣
∫ 2pi
0
∫ Rdisk
rsc
Σ(r, φ, t) eimφr dr dφ
∣∣∣∣∣ , (17)
where Mdisk is the disk mass and Rdisk is the disk’s physical
outer radius. When the disk surface density is axisymmet-
ric, the amplitudes of all modes are equal to zero. When,
say, Cm(t) = 0.1, the perturbation amplitude of spiral den-
sity waves in the disk is 10% that of the underlying axisym-
metric density distribution.
Figure 5 presents the time evolution of the global
Fourier amplitudes for the first four modes in model 1+
(top panel) and model 1 (bottom panel). The m = 1 spi-
ral mode clearly dominates in model 1+, except for a short
time period around t = 0.14 − 0.2 Myr, when all the four
modes have similar amplitudes. In model 1, on the other
hand, the dominance of the m = 1 mode is only marginal.
At the later times, the amplitudes in model 1+ are some-
what smaller than in model 1, which is consistent with a
lower disk mass in model 1+. The dominance of the m = 1
mode in the model with stellar motion may be related to
the SLING (stimulation by the long-range interaction of
Newtonian gravity) effect discussed in, for example, Shu et
al. (1990). We note that Michael & Durisen (2010) found
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Bottom panel: The disk radius in model 1 (black-solid line)
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no SLING effect in their numerical hydrodynamics simula-
tions with stellar motion, possibly due to the fact that they
considered an isolated disk with a smaller disk-to-star mass
ratio.
Stellar motion has a notable effect not only on the disk,
but also on the structure of the infalling envelope – the
remnant of the parental pre-stellar core. Figure 6 presents
a zoomed-out view of the computational domain, this time
covering the 16000 × 16000 au2 area which includes both
the disk and infalling envelope. The disk occupies the in-
ner several hundred au, while the rest is occupied by the
envelope. The iso-surface density contour lines are added
to the gas surface density maps to better characterize the
density structure of the envelope. At the very early stage
(t = 0.03 Myr), just after the stellar motion has been turned
on, the envelope has an axisymmetric shape consistent with
the initial configuration. However, already at t = 0.08 Myr
the deviation of the inner envelope structure from a purely
axisymmetric shape becomes evident. This is because the
stellar motion has a feedback effect not only on the disk, but
also on the envelope, at least on its inner part. However, af-
ter t ≈ 0.2 Myr the expansion wave caused by the pressure
imbalance at the interface between the core and the exter-
nal environment reaches the outer computational boundary
and the boundary effects discussed in Section 3.1 start to
artificially distort the shape of the whole envelope, as is
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Fig. 5. Global Fourier amplitudes of the disk as a function
of time in model 1 (top panel) and in model 1+ (bottom
panel) calculated for the first four spiral modes.
seen in the t = 0.28 Myr panel. At this stage, we terminate
the simulations.
To check if the deviation of the inner envelope from
a purely axisymmetric configuration is indeed caused by
stellar motion, we plot in Figure 7 the gas surface density
distribution in model 1 (without stellar motion) for the
inner 8000 × 8000 au2 box. The yellow iso-surface density
contour lines highlight the envelope structure. Evidently,
the envelope is axisymmetric, except for very inner regions
where it meets with the non-axisymmetric disk.
Figure 8 gives the position of the center of mass (CoM)
of the whole system (star+disk+envelope+external envi-
ronment) on the polar grid (r, φ). The CoM shows large
excursions from the initial position (r = 0, φ = 0), as well
as small-scale wobbling. The large excursions are the re-
sult of the gradual transformation in the structure of the
infalling envelope from a purely axisymmetric to largely
non-axisymmetric shape, while the small wobbling is the
reaction to the non-axisymmetric gravitational perturba-
tion of the disk. Since the mass contained in the envelope
is significant (it is always greater than the disk mass and
is also greater than the stellar mass in the early evolution
phase, see Figure 4) the effect of the non-axisymmetric in-
ner envelope on the stellar motion is stronger than that of
the disk. The spiral arms and fragments in the disk often
7
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Fig. 6. Gas surface density distribution in the inner 16000×
16000 au2 box covering both the disk and the infalling en-
velope in model 1+ at six times after the formation of the
central star. The yellow iso-surface density contour lines are
added to highlight the inner envelope structure. The scale
bar is in log g cm−2.
Fig. 7. Similar to Figure 6, only for model 1 without stellar
motion. Only four evolutionary times are shown.
tend to cancel the effect of each other on the star, which
also acts to reduce the stellar wobbling due to the disk.
Finally, we note that in our adopted thin-disk approx-
imation all the disk and envelope mass is concentrated in
the midplane. The immediate consequence of this assump-
tion is that any non-axisymmetry in the disk or envelope
has a stronger effect on the star as compared to the real 3D
case. In the 2D case, the gravitational force has only two
plane components, while in the 3D case there is also a verti-
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Fig. 8. Position of the center of mass in model 1+ at the
polar coordinate system. The center of mass is initially at
(r = 0, φ = 0), but shows significant excursions during the
subsequent evolution due to the non-axisymmetric struc-
ture of the infalling envelope. Small-scale wobbling in re-
sponse to the non-axisymmetric disk is also evident.
cal component. The latter would contribute to the vertical
excursions of the star (rather than radial ones due to the
plane components) and would vanish in systems with equa-
torial symmetry. This problem can be partly solved in the
2D case by splitting the disk vertical column into i layers of
equal width and calculating the input from every vertical
layer individually. The resulting force acting upon the star
from the grid cell (j, k) can than be expressed as
F˜ (i, j, k) = 2G
∑
i
mi,j,k
(r2j + z
2
i )
3/2
rj , (18)
where the vertical height of each layer is denoted by zi and
the summation is performed over all vertical layers. The
mass of each layer mi,j,k can be found by assuming a con-
stant or Gaussian distribution of the gas volume density
within the vertical column. A factor of two expresses the
fact that the disk has an equatorial symmetry. Our test cal-
culations indeed indicate that the resulting envelope struc-
ture is less distorted and the problem of the outer compu-
tational boundary becomes less severe, though not solved
completely. From a general point of view, we note that the
gravitational instability in the 3D disks is expected to be
weaker than in the 2D ones, which may also reduce the
gravitational effect of the disk upon the star. Other 3D ef-
fects, such as disk warps, may reduce the radial excursions
of the star, but introduce notable vertical motions.
3.3. Protostellar accretion rates
In this section, we investigate the effect of stellar motion
on the mass accretion rate defined as the mass passing
through the inner computational boundary per hydrody-
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Fig. 9. Mass accretion rates as a function of time in model 1
(top panel) and model 1+ (bottom panel).
namical time step, M˙ = −2pirscΣvr. Previous numerical
simulations without stellar motion demonstrated that M˙
often exhibits time-variable behavior with episodic bursts,
if the disk mass is sufficient to trigger gravitational instabil-
ity and fragmentation (e.g., Vorobyov & Basu, 2006, 2010;
Machida et al., 2011; Vorobyov & Basu, 2015). This ac-
cretion pattern is part of the emerging episodic accretion
paradigm, wherein the mass accretion onto the star is not
constant or gradually declining in time, as predicted by
the classic spherical collapse models (e.g., Shu, 1977), but
is time-variable with strong accretion bursts separated by
longer periods of quiescent, low-rate accretion (see, e.g., a
recent review by Audard et al., 2014). It is therefore im-
portant to assess the effect of stellar motion on the mass
accretion rate.
Figure 9 presents the mass accretion rates as a func-
tion of time in models 1+ (top panel) and model 1 (bot-
tom panel). In the early evolution t <∼ 0.1 Myr, the ac-
cretion rate in models with and without stellar motion ex-
hibits a similar behavior: it quickly rises to a peak value at
t = 0 Myr (the instance of protostar formation), declines
gradually for a short period of time (≈ 0.01 Myr), dur-
ing which the matter is directly accreted from the infalling
envelope onto the protostar, and then develops order-of-
magnitude variations when the disk around the proto-
star forms and gains mass. Accretion bursts amounting to
M˙ = a few × 10−5 M yr−1 are evident in both models.
In the later evolution (t >∼ 0.1 Myr), the mass accretion
rate in model 1+ is characterized by a somewhat reduced
variability in comparison to model 1, though still showing
several order-of-magnitude accretion bursts. This reduction
in the amplitude of accretion variations is consistent with
a lower disk mass in model 1+. Overall, the stellar motion
somewhat reduces the accretion variability, particularly in
the later evolution stages, mainly due to a reduced disk
mass. This reduction can, however, be offset by a small
increase in the initial core mass and/or angular momentum
(which would result in the formation of a more massive and
gravitationally unstable disk).
4. The late disk evolution (protoplanetary disk)
In this section, we investigate how stellar motion affects the
evolution of protoplanetary disks perturbed by a massive
planet, by the migration of planets, and by the formation
of large-scale vortices in protoplanetary disks. We assume
that the protoplanetary disk has already been formed and
an embedded high-mass planet revolves on a circular orbit
(models 2-5). In simulations dealing with the formation of
vortices at the dead zone outer edge, we impose a sharp vis-
cosity transition (model 7). Similar to the previous section,
we run protoplanetary disk simulations with and without
stellar motion. Models in which we take the effect of the in-
direct potential into account are labeled with an additional
plus sign.
The simulations span 4 × 104 yrs (corresponding to
about 3500 orbits at 5 au) in models 2-5. To study the
vortex formation, much longer simulations are required.
Therefore, we run simulations up to 2× 105 yrs in model 6,
corresponding to about 4811 orbits at 12 au – a distance
where the large-scale vortex develops.
4.1. Initial conditions
The initial surface density profile of the gas has the
following form: Σ(R,φ) = Σ0R
−p, where p is set to
1.0 and Σ0 is set to 1.06815 × 10−4, which corresponds
to a disk of 0.02 M inside the computational do-
main. Since the Toomre Q parameter (Toomre, 1964) is
hM∗/piR2Σ(R,φ) > 1 throughout the disk in all mod-
els, it seems plausible to neglect the disk self-gravity.2 We
note, however, that the disk self-gravity affects the migra-
tion rate of planets; it slightly slows down the migration
(see, e.g., Crida el al., 2009) even for low-mass disks where
self-gravity is weak. The vortex formation at the plane-
tary gap edge is also known to be affected by the disk self-
gravity, which shifts the most unstable modes to higher
mode numbers, or even suppresses the RWI for sufficiently
high disk masses with Q ≤ 2.5 (see, e.g., Mamatsashvili
& Rice, 2009; Lin & Papaloizou, 2011). Recently, Zhu &
Baruteau (2016) showed that including self-gravity results
in significantly weakened large-scale vortices if Q ≤ pi/(2h).
Here we want to investigate the effect of the indirect term
only, which requires long-term simulations. Therefore, the
computationally-demanding self-gravity calculation is ne-
glected for simplicity.
2 In models 2-3 the planet is fixed at 5 au, where Q ' 30. In
models 4-5 the planet migrates inwards, thus Q ≥ 30 is always
true at its orbital distance. In model 6 initially Q ' 12 at the
viscosity transition, while later Q decreases to about 3 as gas
accumulates there.
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Fig. 10. Density snapshots in models 2 and 3 for which case a non-migrating giant planet is embedded in a disk with
αvisc = 5 × 10−3 (panel a) and 5 × 10−5 (panel b). In each panel the left and right columns correspond to simulations
in which the indirect potential is taken into account (model 2+ and 3+) and neglected (model 2 and 3), respectively.
Snapshots are taken after the gap is opened at t = 103 yr corresponding to about 100’th orbits (upper row), while at the
end of simulation at t = 4× 104 yr corresponding to about 3600’th orbits lower row).
In models 2 and 3, we study the disk response to
a non-migrating high-mass planet (q = 4.7 × 10−3, cor-
responding to Mp = 5MJup for a Solar mass star). In
model 2 the viscosity parameter is set to a canonical value
of α = 5 × 10−3. Model 3 is a nearly inviscid version of
model 2 with α = 5× 10−5. With these settings, we expect
the formation of various types of disk asymmetry, e.g., a
local disk eccentricity at the gap edge (see, e.g., Kley &
Dirksen, 2006; DAngelo et al., 2006; Rega´ly et al., 2010),
global disk eccentricity inside the planetary orbit (see, e.g.,
Rega´ly et al., 2012, 2014), and large-scale vortex forma-
tion at the outer gap edge (see, e.g., Rega´ly et al., 2012).
We note that the low viscosity assumption is necessary to
maintain a long-lasting vortex at the planetary gap edges
as was shown earlier by de Val-Borro et al. (2007); Ataiee
et al. (2013); Fu et al. (2014).
In models 4 and 5, the migration of high-mass plan-
ets (q = 9.54 × 10−4 and 2.38 × 10−3, corresponding to
Mp = 1.0 and 2.5MJup) is investigated. With these plane-
tary masses, no excitation of disk eccentricity is observed,
for which case the migration history might be more com-
plicated. The planets are freely migrating in the disk (after
the gap is fully fledged), having a canonical viscosity of
α = 5 × 10−3. With these models, we investigate the ef-
fect of stellar motion on the migration history of high-mass
planets.
In models 2-5, initially the planet orbits at ap = 5 au
and is not allowed to accrete gas, that is, its mass is con-
stant. For non-migrating cases (models 2 and 3), the plan-
etary orbit is kept fixed. For migrating planets (models 4
and 5), the planet is allowed to feel the disk potential after
the gap is fully fledged.
To model the formation and evolution of the large-scale
vortex developed due to the RWI in model 6, we introduce
a sharp viscosity transition at the dead zone outer edge.
We assume that the disk has an accretionally inactive dead
zone, where the value of α is smoothly reduced such that
α(R) = αδα(R). The viscosity reduction is given by
δα(R) = 1− 1
2
(1− αmod)
[
1− tanh
(
R−Rdze
∆Rdze
)]
, (19)
where αmod = 0.01 is the depth of the turbulent viscos-
ity reduction. To quantify the radius of viscosity reduc-
tion, Rdze = 12 au is used, where we adopt the results of
Matsumura & Pudritz (2005), who found that Rdze lies be-
tween 12 au and 36 au, depending on the density of the disk.
We assume ∆Rdze = 1Hdze, where Hdze = Rdzeh is the disk
scale-height at the viscosity reduction, which corresponds
to ∆Rdze = 0.6 au. We note that the total width of the vis-
cosity transition given by Equation (19) is about 2∆Rdze,
which corresponds to 1.2 au.
4.2. Disk response to a giant planet (models 2 and 3)
We investigate the effect of stellar motion on the disk re-
sponse to the gravitational perturbation of a giant planet
embedded in the disk in models 2 and 3. The viscous gap
opening criterium is satisfied (i.e., Mp  40αc2sH/Ωpa2p
) in models 2 (viscous) and 3 (nearly inviscid) for a five
Jupiter mass planet (Lin & Papaloizou, 1993). As a result,
a gap forms after a couple of orbits, independent of whether
stellar motion is taken into account or not.
The upper and lower rows of Figure 10 show the gap
structure at t = 103 yr and at the end of simulations t = 4×
104 yr, respectively. In the early phases, the depletion of the
horseshoe region is significantly slower for models without
indirect potential (compare upper rows in panels (a) and
(b) of Figure 10). In the later phases, the gap width is larger
in models where the stellar motion is neglected. From the
10
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Fig. 11. Azimuthally averaged radial density profiles in
models 2 and 3 at the end of simulations (corresponding
to the lower row of Figure 10). Solid and dashed lines cor-
respond to models in which the indirect potential is taken
into account and neglected, respectively.
azimuthally averaged radial density profiles (Figure 11) it
is clearly visible that the inner gap edge forms nearly at
similar distance, while the outer gap edge is always at larger
distances in models without stellar motion.
Another notable difference can be identified regarding
the large-scale vortex formation at the gap edges. The large-
scale vortex develops due to the excitation of the RWI at
the gap edges thanks to the development of a sharp density
gradient (Li et al., 2005; Lyra et al, 2009b; Rega´ly et al.,
2012). However, due to the viscous evolution of the gap
edge, the density jumps smear out and the gap edge is not
RW-unstable any more. As a result, the vortex dissolves.
We observed this phenomenon regardless of whether the
stellar motion is taken into account or not. We emphasize
that the density gradient at the outer gap edge smears out
faster in model 2 without stellar motion. This explains why
no vortex is present after ten orbits in the high viscosity
models 2+ and 2 (upper figures in panel (a) of Figure 10)
and is present only in model 3+ (upper figures in panel (b)
of Figure 10). We note, however, that the vortex lifetime
is observed to be shorter than 100 orbits even in the low-
viscosity regime, independent of whether the stellar motion
is on or off.
As can be seen in Figure 10, a significant level of disk
eccentricity develops by the end of the simulations in both
models. Not only the gap edge but also the inner disk
become globally eccentric, as was shown in Rega´ly et al.
(2014). One can calculate the disk eccentricity at each grid
cell using Eqs. (5)-(7) of Rega´ly et al. (2010). After az-
imuthal averaging, this results in the radial eccentricity
profile of the disk shown in Figure 12. Evidently, the ec-
centricity in the inner disk (with respect to the planetary
orbit) is nearly independent whether we take the stellar
motion into account or not. However, the outer disk ec-
centricity, especially close to the gap outer edge, tends to
be larger for models without stellar motion. Since the gap
width is inferred from the azimuthally averaged radial den-
sity profile (Figure 11), the somewhat larger disk eccentric-
ity (apparent in the vicinity of the gap) can explain the
larger gap.
model 2+, α=5×10-3
model 2,  α=5×10-3
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model 3,  α=5×10-5
Fig. 12. Azimuthally averaged eccentricity profile of the
disk at the end of the simulations in models 2 and 3. Solid
and dashed lines correspond to models in which the indirect
potential is taken into account and neglected, respectively.
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Fig. 13. Evolution of averaged disk eccentricity in models 2
and 3. Solid and dashed lines correspond to models in which
the indirect potential is taken into account and neglected,
respectively.
Radial averaging of the eccentricity profiles results in a
sole number which represents the disk global eccentricity. It
is clearly visible on the plot of the disk global eccentricity as
a function of time (Figure 13) that a quasi-static eccentric
disk state with edisk ' 0.15 is developed by the end of
the simulations, independent of whether the stellar motion
is on or off. However, the eccentricity growth time-scale is
smaller for models with stellar motion (models 2+ and 3+).
4.3. Migration of giant planets (models 4 and 5)
4.3.1. On migration timescales
The effect of stellar motion on the radial migration of high-
mass planets is investigated in models 4 and 5 assuming
α = 5 × 10−3. In these models, the embedded planets
with q = 9.54 × 10−4 and 2.38 × 10−3 (corresponding to
Mp = 1MJup and 2.5MJup, respectively) are initially on
circular orbits. According to our simulations, no significant
planetary and disk (local or global) eccentricities develop
for these planetary masses throughout the simulations. The
planets are allowed to migrate only after the formation
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of a fully fledged gap (after about 100 orbits) in order
to model type II migration exclusively. Since the planets
are not allowed to accrete gas, their mass remains constant
throughout the simulation. The migration history is shown
in Figure 14 for models 4+/4, and 5+/5.
After opening the gap, planets start migrating inwards
in all models. The ratio of the local disk mass (which is the
mass of the disk inside the planetary orbit) to the planetary
mass is Mdisk(R0)/Mp = 4piΣ(R0)R
2
0/q, where R0 = ap +
2.5RH(ap). Since Mdisk(R0)/Mp > 1 as long as ap > 1.5,
the planets should migrate in the disk-dominated type II
regime according to Crida & Morbidelli (2007). Assuming
that there is now gas flow across the planetary orbit, the
change in the planetary semi-major axis as a function of
time can be expressed as
dap
dt
= −ap
[
3
2
ν(R0)
R20
]
, (20)
where ν(R) = αcs(R)
2/Ω(R). Therefore, the migration rate
is independent of the planet mass and the planet migrates
on the viscous timescale. However, this is not the case and
Figure 14 demonstrates a clear dependence of the migration
rate on the planetary mass. Duffell et al. (2014) have shown
that the gas can cross the planetary orbit, for which case the
above simple description of type II migration is not valid.
In agreement with Du¨rmann & Kley (2015), we also found
that the gap-opening planet does not migrate at the viscous
timescale and its migration rate is inversely proportional to
its mass.
Moreover, a significant effect of stellar motion on plan-
etary migration can be observed. If the indirect poten-
tial is included, the migration rate decreases significantly.
However, as the planet’s orbital distance decreases the mi-
gration rate becomes less dependent on whether stellar mo-
tion is taken into account or not.
4.3.2. On migration torques
Let us analyze the torques exerted on the migrating planet.
The change in the semi-major axis ap of the planet having
a mass q due to a small change in its angular momentum
can be expressed as (e.g., Vorobyov, 2013)
dap
dt
=
2Γ
qapΩ(ap)
, (21)
where Ω(ap) = a
−3/2
p is the angular velocity of the planet
and Γ is the torque exerted on the planet. The torque Γ
has two sources: one coming from the non-axisymmetric
disk and the other from the star itself if stellar motion is
allowed.
The disk torque can be calculated numerically by sum-
ming the torques exerted on the planet by the individual
grid cells, that is,
Γdisk =
NR,Nφ∑
i,j=1
[Fyi,j(xp − xbc)− Fxi,j(yp − ybc)] , (22)
where Fyi,j and Fxi,j are the x- and y-components of the
gravity force felt by the planet from the grid cells with co-
ordinates xi,j and yi,j . Here, xp, yp and xbc, ybc are the
coordinates of the planet and the barycenter of the star-
planet-disk system, respectively. The components of the
gravitational force of the disk felt by the planet can be
written as:
Fxi,j = Fi,j
xi,j − xp
di,j + H(dp)
, (23)
and
Fyi,j = Fi,j
yi,j − yp
di,j + H(dp)
, (24)
where di,j = [(xi,j−xp)2 +(xi,j−xp)2]1/2 is the distance of
the center of grid cell (i, j) to the planet. The term H(dp)
appears due to the applied smoothing of the planetary po-
tential. Taking into account that we also use a torque cut-off
(see details in Section 2.2), the force exerted by the individ-
ual disk cells, Fi,j , can be given as
Fi,j =
Ai,jΣi,j
(
1− exp (−(di,j/RH)2)
)
(di,j + H(dp))
2 , (25)
where Ai,j and Σi,j are the surface area and surface mass
density of the grid cell (i, j), respectively.
If the barycenter of the star-disk-planet system is not
centered on the star, a non-zero torque is exerted on the
planet by the star itself (see, e.g., Ataiee et al., 2013; Rega´ly
et al., 2013). The stellar torque, Γ∗, can be given as
Γ∗ = Fy∗(xp − xbc)− Fx∗(yp − ybc), (26)
where
Fx∗ =
q
(dp + H(dp)2
−xp
dp + H(dp)
(27)
and
Fy∗ =
q
(dp + H(dp)2
−yp
dp + H(dp)
. (28)
Since we use a frame of reference that co-rotates with the
planet, yp becomes equal to zero and Equation (28) van-
ishes, resulting in
Γ∗ = − q
(dp + H(dp))3
xpybc. (29)
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Fig. 15. Barycenter shift (in au) of the star-planet (xbcsp,
xbcsp) and star-plant-disk systems (xbc, xbc) as a function
of time for models 4+ and 5+. Since the shifts are highly
oscillating, the running average over 50 snapshots is also
shown.
Now, let us compare the total torque Γtot = Γdisk +
Γ∗ felt by the planet in models with and without stellar
motion. In models without stellar motion, xbc = 0 and
ybc = 0. In the co-rotating frame yp = 0, thus the second
term of Equation (22) and obviously Γ∗, vanish, resulting
in the following expression for the total torque
ΓNItot =
Nr,Nφ∑
i,j
Ai,jΣi,j
(
1− exp (−(di,j/RH)2)
)
(di,j + H(dp))
3 yi,jxp, (30)
where the index ”NI” means that the indirect potential is
not taken into account. However, if stellar motion is taken
into account, the second term in Equation (22) and the
stellar torques are non-zero. In this case, the total torque
can be given as
Γtot = Γ
NI
tot
(
1− xbc
xp
)
+
Nr,Nφ∑
i,j
(
xi,j − xp
yi,j
)
ybc + Γ∗. (31)
We emphasize that here we implicitly assume that the gas
density distribution is independent of whether the stellar
motion is on or off. With a plausible assumption of xbc > 0
in our models,3 the second term inside the first bracket in
Equation (31) acts to slow down the planetary migration.
On the contrary, the second term and the stellar torque
in Equation (31), both being dependent on ybc which can
be either positive or negative, can either increase or de-
crease the planetary migration rate. We note that in the
co-rotating frame the value of ybc is determined solely by
the barycenter of the disk itself.
Figure 15 shows the barycenter coordinates of the star-
planet-disk system (xbc, ybc) and the barycenter coordi-
nates of the star-planet system (xbcsp, ybcsp) as a function of
time in models 4+ and 5+. As one can see, both the xbc and
ybc oscillate around the barycenter of the star-planet sys-
tem. The amplitude of the oscillation decreases with time
3 In a co-rotating frame (xp > 0), the barycenter of the star-
planet-disk system is always located between the star and the
planet, unless the barycenter shift due to the disk is larger than
the barycenter shift due to the planet, which would require a
very massive disk.
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Fig. 16. Torques exerted on the planet in models 4/4+ (up-
per panel) and 5/5+ (lower panel). Significant departures
can be observed only for the outer disk torque (Γouter disk),
which eventually explains the decline of the total torque,
Γtot, (see orange solid and dashed curves for models 4/5
and 4+/5+, respectively) in the models where stellar mo-
tion is taken into account.
and practically vanishes by t = 104 yr (corresponding to
about 1000 orbits of the planet at 5 au). This means that
the barycenter of the disk slowly converges to the barycen-
ter of the star-planet system, even if the planet is migrating.
We emphasize that ybc converges to zero, therefore both Γ∗
and the term proportional to ybc in Equation (31) vanish.
Since xbc ' xbcsp = qxp/(1 + q), the total torque becomes
Γtot ' (1/1 + q)ΓNItot, which is too small to explain the ob-
served slowdown of migration for models 4+ and 5+. Thus,
the assumption that the disk surface density distribution is
the same in models 4 and 4+ and also in models 5 and 5+
must be wrong.
According to Equation (21), the change in the planet’s
semi-major axis is proportional to the normalized torque,
Γ/Γ0, where Γ0 = qapΩ(ap) is the normalization factor.
Figure 16 shows Γ/Γ0 against time in models 4/4+ and
5/5+. It is notable that Γ/Γ0 has a significantly larger
magnitude in models 4 and 5 than in models 4+ and 5+
(see the solid and dashed running average curves), which
explains the observed differences in the migration rates.
Taking into account that ybc ' 0 and Γ∗ ' 0, and also
that the magnitude of the inner disk torque is not sensitive
to the indirect potential, the difference in the migration
rates can be explained by the difference in the outer disk
torque alone. Since the magnitude of the difference in the
outer disk torque decreases with time, the migration rates
of models 4/4+ and 5/5+ slowly decrease.
To explain the decline of the disk torque, we plot in
Figure 17 the ratio of the surface densities in model 5+ and
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Fig. 17. Ratio of the surface mass densities in models 4+/4
(left panel), and models 5+/5 (right panel) at the beginning
of the planetary migration. The inner and outer gap edges
(defined by half maximum density) are found to be nearly
identical in models 4/4+ and 5/5+ shown with the dashed
circles.
5 (Σi,j/Σ
NI
i,j ) at the beginning of the planetary migration.
The inner disk has a slight mass enhancement (∼ 10%),
while beyond the gap outer wall there is a significant de-
cline (' 30%) in density ratio in models 4+/5+ compared
to models 4/5. Although the difference in the density distri-
butions weakens with time, it is still present at the end of
the simulations. The outer disk removes angular moment
from the planet, with the magnitude being proportional
to the density. Therefore, the angular moment removal is
smaller in model 4+ and 5+ than in model 4 and 5, respec-
tively, which explains the observed migration rates.
In summary, it is neither the stellar torque nor the
barycenter shift that causes a slowdown of the migration
rate in models with stellar motion. Actually, the planetary
migration slows down because the outer disk, with respect
to the planetary orbit, contains less mass, which results in
a less efficient angular moment removal from the planet.
4.4. Large-scale vortex formation (model 6)
The formation and evolution of a large-scale vortex is in-
vestigated in model 6, in which a sharp viscosity transi-
tion is set by Equation (19) at Rdze = 12 au. Due to the
sudden change in the accretion rate at the viscosity transi-
tion, a sufficiently sharp density enhancement forms, where
the disk becomes unstable to the RWI (Varniere & Tagger,
2006; Terquem, 2008). The fastest growing mode is found to
be m = 5 in our models, thus initially five anticyclonic vor-
tices form which later coalesce (Lovelace et al., 1999; Li et
al., 2000). As a result, a single, large-scale vortex develops
at the viscosity transition.
Because the density bump formed at the viscosity tran-
sition strengthens with time, the RWI excitation criterium
remains fulfilled until the end of simulation. As a result, the
vortex is long-lived (may be present for the disk lifetime)
as was shown in Rega´ly et al. (2012) and later confirmed
by Lin (2014).
Figure 18 shows four snapshots of the disk inner re-
gion (density distribution normalized by the initial one)
for model 6+ (left column) and model 6 (right column).
The excitation of the RWI can be observed in both mod-
els by about 1.5 × 103 yrs. The vortex coagulation, that
is, the formation of the m = 1 large-scale vortex (upper
row of Figure 18) is faster in model 6+ than in model 6.
However, a fully fledged single vortex develops in both sim-
Fig. 18. Evolution of large-scale vortex at viscosity tran-
sition in model 6. Left and right columns correspond to
simulations in which the indirect potential is taken into ac-
count (model 6+) and neglected (model 6), respectively.
The density distribution (Σ) is normalized by the initial
one (Σ0).
ulations by ∼ 10 × 103 yrs (corresponding to about 75 or-
bits at 12 au). Generally, the large-scale vortex is stronger
in model 6+ than in model 6 throughout the simulation. By
the end of the simulation, the large-scale vortex practically
transformed to a ring-like density structure in model 6. In
contrast, the vortex lasts to the end of the simulation in
model 6+.
Figure 19 shows the gradient of the azimuthally aver-
aged radial density profile (∂Σ(R)/∂R) at the end of sim-
ulation for models 6+ and 6. It is evident that the density
bump is not sharp enough at R ' 10 au (at a radial distance
of the vortex center) to maintain the vortex for model 6,
which eventually causes the slow dissolution of the vortex.
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Fig. 20. Barycenter shift against time in models 6+ and
6. Solid and dashed lines correspond to models in which
the indirect potential is taken into account and neglected,
respectively.
Figure 20 shows the distance between the barycenter of
the system and the star as a function of time. Evidently,
the barycenter shift is significant in model 6+, whereas
it is much smaller in model 6, reaching its maximum
(∼ 0.014 au) at 5× 104 yr. It is also evident that the mag-
nitude of the barycenter shift slowly decreases after reach-
ing its maximum in model 6, whereas it continuously in-
creases in model 6+. We note, however, that the effect of
the barycenter shift in model 6 has no effect on the evo-
lution of the vortex; it only reflects the asymmetry in the
density distribution.
We note that Mittal & Chiang (2015) proposed that a
large-scale vortex can be sustained in massive disks due to
an artificial displacement of the star from the barycenter of
the system. However, they applied an indirect potential ar-
tificially. Recently, Zhu & Baruteau (2016) found that the
indirect potential indeed promotes the formation of a large-
scale vortex, however, in their simulation an artificially im-
posed axisymmetric Gaussian density bump served as the
background of the density gradient that excites the RWI.
Here we not only confirm the above findings but also ob-
serve that the stellar motion promotes the excitation of the
RWI.
5. Conclusions
In this paper, we presented a detailed investigation of the
effect of stellar motion on the evolution of protostellar and
protoplanetary disks by means of 2D numerical hydrody-
namic simulations. The stellar motion is caused by various
non-axisymmetric structures in the disk and infalling enve-
lope, which emerge during the early and late evolutionary
phases. Two distinct codes were used: FEoSaD for proto-
stellar and GFARGO for protoplanetary disks. Both codes
employ the grid-based cylindrical coordinate system cen-
tered on the star. The motion of the central star is taken
into account by calculating the indirect potential, which
occurs when the equations of motion for the disk are for-
mulated in the non-inertial frame of reference moving with
the star.
In the protostellar disks, asymmetries can develop due
to disk gravitational fragmentation resulting in the forma-
tion of massive clumps and spiral arms. In the protoplan-
etary disks, asymmetries can develop due to an embedded
planet or large-scale vortex forming, for example, at vis-
cosity transitions. In both cases, significant effects of the
stellar motion were found. Our key results for the early
disk evolution are as follows:
1) When the stellar motion is taken into account, part of
the envelope angular momentum is transferred to the
orbital motion of the protostar around the center of
mass, reducing the net angular momentum of the form-
ing disk. This leads to a somewhat smaller disk mass
and radius, and, as a consequence, to a weaker gravita-
tional instability and fragmentation as compared to the
case without stellar motion.
2) The character of mass accretion rate is also moderately
affected by the stellar motion, leading to a mild reduc-
tion in the accretion variability inherent to gravitation-
ally unstable disks. This is consistent with the overall re-
duction in the disk mass and size, and in the strength of
the gravitational instability of the disk. A Fourier analy-
sis of the spiral structure shows that models with stellar
motion are dominated by one-armed spiral modes, while
other low-order modes have roughly a similar strength.
3) Stellar motion has a profound effect on the collapsing
envelope, changing its shape from an initially axisymm-
teric state to a profoundly non-axisymmetric configura-
tion. This causes a significant excursion of the center
of mass of the system, complemented with small-scale
wobbling due to the gravitational perturbation of the
disk.
Our key results for the protoplanetary disk evolution are as
follows:
4) The gap formation is significantly slower if the stellar
motion is neglected: after about 100 orbits of a non-
migrating 5MJup planet, the gap is only partially de-
pleted (the planetary horseshoe region is filled with gas).
On the contrary, the gap is fully depleted if the stellar
motion is taken into account. However, the gap is com-
pletely devoid of gas after about several hundred orbits
independent of whether the stellar motion is on or off.
The time required for the horseshoe gas to vanish is
inversely proportional to the disk viscosity.
5) Independent of the applied viscosity, the gap carved by
a non-migrating 5MJup planet is significantly narrower,
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if the stellar motion is taken into account. If the density
gradient at the outer gap edge is large enough for a
long time (which requires low viscosity, e.g., α ≤ 5 ×
10−4) a long-term large-scale vortex forms. However, we
observed the vortex formation only if the stellar motion
is taken into account.
6) The azimuthally averaged disk eccentricity (excited by
a non-migrating 5MJup planet) is only slightly modi-
fied by the effect of stellar motion. However, the time
required for the formation of a quasi-steady eccentric
disk is shorter in models with stellar motion.
7) The radial migration of high-mass planets (investigated
in the range of 1.0 − 2.5MJup) is also affected by the
stellar motion: the type II migration rate is significantly
smaller if the effect of stellar motion is taken into ac-
count. This phenomenon can be explained by the fact
that the gap outer edge is depleted in gas if the stel-
lar motion is taken into account, resulting in a smaller
magnitude of the outer disk torque.
8) Regarding the large-scale vortex formation at a sharp
viscosity transition, we found that the formation of the
RWI unstable density bump and the vortex coagulation
are stimulated by the stellar motion. If the stellar mo-
tion is included, the fully fledged large-scale vortex is
stronger (the azimuthal asymmetry is larger). On the
contrary, the large-scale vortex dissolves (only a ring-
like perturbation remains) within about 5000 orbits at
the distance of the vortex center in models where the
effect of the stellar motion is neglected.
Our general conclusion is that the stellar motion has
a notable effect on the evolution of gravitationally unsta-
ble protostellar disks and a strong effect on the planet- or
large-scale vortex-bearing protoplanetary disks. Therefore,
inclusion of the indirect potential is recommended in grid-
based hydrodynamics simulations of circumstellar disks.
Finally, we note that special care with the computa-
tional boundaries needs to be taken when implementing
the indirect potential, especially when the mass of the cir-
cumstellar disk is commensurable to that of the central
star. The acceleration of the non-inertial frame of refer-
ence may lead to an artificial distortion of the disk or/and
the infalling envelope, especially near the outer computa-
tional boundary if the numerical resolution is insufficient,
as is the case for logarithmically spaced grids. To mitigate
this problem, we extended the computational domain and
filled it with a low density external environment. However,
a better solution needs to be found in the future, probably
involving the introduction of moving grids or boundaries.
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